
UNIVERSITY of CALIFORNIA

SANTA CRUZ

THE ORIGIN OF LIGO SOURCES: UNDERSTANDING THE
FORMATION CHANNELS OF STELLAR MASS BINARY BLACK

HOLES

A thesis submitted in partial satisfaction of the
requirements for the degree of

BACHELOR OF SCIENCE

in

PHYSICS

by

Martin Lopez Jr.

10 June 2018

The thesis of Martin Lopez Jr. is approved by:

Professor Enrico Ramirez-Ruiz
Advisor

Professor Alexander Sher
Senior Theses Coordinator

Professor Robert P. Johnson
Chair, Department of Physics



Copyright c© by

Martin Lopez Jr.

2018



Abstract

The Origin of LIGO Sources: Understanding the Formation Channels of Stellar

Mass Binary Black Holes

by

Martin Lopez Jr.

LIGO detected gravitational waves (GWs) on September 14, 2015 from a binary black hole (BBH)

merger. Currently, χeff is the observable produced from detections used to infer the formation

channel history. This is predicated on the assumption that χeff is a fixed quantity from formation

to merger and ultimately detection. This thesis explores the possibility that BBHs in dense stellar

systems such as globular clusters (GCs) can have their χeff altered through tidal disruption events

(TDEs). Following disruption, a portion of mass is ripped off of the star and becomes bound to

either one or both of the BHs. This mass can be accreted onto the BHs and alter the magnitude

and direction of the individual BH spins, effectively changing χeff . We used 3D Smoothed Particle

Hydrodynamics (SPH) to simulate 3 unique BBH TDE scenarios. Our simulations comprehensively

cover the possible outcomes of BBH TDEs and are called the circumbinary scenario (CS), the single

scenario (SS), and the overflow scenario (OS). Additionally we simulated a configuration called the

massive overflow scenario (MOS) which is not unique but can provide significantly more spin up

than the other scenarios. Our simulations resulted in a spin up of [(0.071, 0.071), (0,0.05), (0.051,

0.013), and (0.287, 0.407)] respectively where the given notation is (S1,f , S2,f ) where Si,f is the final

spin magnitude for the ith BH for a given scenario. The BBHs had final alignments of (aligned, NA,

anti-aligned, anti-aligned) respectively. We have shown that it is possible to significantly alter the

spin magnitudes and directions of LIGO BBHs (LBBHs) and thus these events must be taken into

account when interpreting χeff in LIGO detections.
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Chapter 1 Introduction

1.1 Motivation

On September 14, 2015 the Laser Interferometer Gravitational-Wave Observatory (LIGO)

detected gravitational waves (GWs) for the first time in history [1]. The source of GW150914, the

detection name, was the merger of a stellar mass binary black hole (BBH), the first direct observation

of a BBH merger. The monumental detection by LIGO was made possible through a century of

theoretical, computational, and instrumentation developments. Since GW150914, five of the six

subsequent LIGO detections have been of BBH mergers, the exception being a double neutron star

(NS-NS) binary merger [2]. Therefore, the focus of this thesis will be of questions related to BBHs.

A few main questions being actively researched are: (1) What processes, evolutionary or dynamic,

lead to the formation of BBHs? (2) What mechanisms within these formation channels get BBHs

close enough to merge through GW radiation? (3) Are there any characteristic observables upon

detection that can discriminate between different possible formation channels. The main purpose of

this thesis pertains to question (3).

The measured parameter which is thought to hold the key to the formation channel history

of BBHs is χeff [3, 4, 5]. χeff is the mass weighted sum of the individual spin magnitudes projected

onto the orbital angular momentum vector of the binary, as shown in Fig. 1.1 [4]. Spin is the

rotation of an individual BH about its center of mass, similar to the daily rotation of the Earth.
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S⃗2
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S⃗= S⃗1+S⃗2
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Figure 1.1: A visualization of the angular momentum vectors in a BBH system. ~S1 and ~S2 are the
spin vectors of an individual BH. ~L is the angular momentum vector of the binary orbit. χeff is the
scalar quantity of the projection of the ~S onto ~L.

By using 3D Smoothed Particle Hydrodynamic (SPH) simulations, we show how stellar

material which is accreted following a tidal disruption event (TDE) can change χeff . We present the

first simulations that show TDEs can significantly alter the birth spin magnitudes and orientation of

the individual BHs, possibly aligning them. Through spin alignment or anti-alignment, the expected

χeff value from certain formation channels can be altered. Due to the fact that χeff is used as a

signature of formation channels, this can significantly affect the accuracy of inferring the formation

history of LIGO BBHs (LBBHs). If TDEs can cause a degeneracy in χeff values for different

formation channels, then another way to discriminate between them must be sought. Therefore,

our results will help us better understand how to interpret χeff at the time of detections, crucial for

gaining insight into the origin of LIGO sources.

The introduction of this thesis is outlined as follows: Section 1.2 gives a brief overview

of GW history, Section 1.3 presents the currently proposed formation channels of BBHs and their

expected χeff values in addition to how TDEs can alter this expected value, and Section 1.4 outlines

the material in the rest of the thesis.
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1.2 History of Gravitational Waves

BHs constitute the most extreme physical conditions known, where the gravitational pull

is so strong such that not even light can escape. The first documented proposal of such an object

was by Rev. John Michell in 1784 through a Newtonian approach [6]. In 1916, Karl Schwarzschild

produced the exact solutions to Einstein’s field equations of general relativity for what later became

known as a non-rotating BH [7]. Kerr later generalized the solutions to describe spinning BHs in 1963

[8]. Stellar mass BHs are created when all of an object’s mass directly collapses to a singular point

[9]. In 1916, Einstein predicted GWs by showing that they are the solutions to the field equations of

gravitation [10]. GWs are transverse waves which travel at the speed of light, proven by the recent

simultaneous GW and electromagnetic detections of a NS-NS merger on August 17, 2017 [11]. The

properties of their GW emission and possible sources were discussed by Einstein in 1918 [12]. If the

separation of a binary is small enough, gravitational radiation causes the orbit to decay eventually

leading to a merger within a Hubble time, approximately the age of the universe. The first indirect

evidence of GWs was achieved in 1982 after years of monitoring PSR 1913+16, a NS-NS binary

system which was first discovered in 1974 [13]. PSR 1913+16 was the first observation of a binary

with decaying separation consistent with GW emission [14]. The pursuit to directly detect GWs

promptly commenced with the building of TAMA-300 [15], GEO600 [16], LIGO [17], and VIRGO

[18].

In addition to detectors, an essential tool to observe GWs is the prediction of their waveform

by solving Einstein’s field equations. The formidable task of producing solutions was accomplished

through analytic approximations. This is achieved by expanding in orders of v/c, where v is the speed

of the object producing GWs and c is the speed of light. Such expansions are called post-Newtonian

(PN) formalism. While analytical methods are able to produce solutions with contributions from

orders up to 7.5PN [19], generating solutions numerically has played a pivotal role in providing

waveforms. Analytic methods are not adequate for solutions during the actual merger, whereas nu-

merical solutions are not bound by such restrictions. The first breakthrough in numerical relativity,
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where the code converged to a solution, came in 2005 [20].

Technological advancements in instrumentation design and computational power precipi-

tated the construction of Advanced LIGO (aLIGO) in 2012 [21]. Two detectors situated in Han-

ford, WA and Livingston, LA make up aLIGO. Having detectors in two locations helps eliminate

false-positives and improves localization of sources. Improvements in sensitivity and match-filtering

detector inputs through waveform templates allowed aLIGO to usher in the age of GW astronomy.

1.3 Binary Black Hole Formation Channels

There are three formation channels at the forefront of BBH theory: common envelope

evolution (CEE), chemically homogeneous evolution (CHE), and the dynamical formation channel

(DFC). CEE and CHE constitute the broad categorization of the field formation channel (FFC).

1.3.1 Field Formation Channels

Common Envelope Evolution

CEE is a complex processes that involves a series of stellar evolutionary events. In this

channel stars are born within a binary in a galaxy, also known as “the field”. The stars age, expand,

and begin to exchange mass from outer layers of their envelopes. Mass exchange strips the most

massive star of its hydrogen envelope, transforming it into a compact He star. The compact He

star continues to fuse heavier elements until it directly collapses to a BH. At this stage the binary is

composed of a BH and the remaining star. This star evolves and proceeds to expand until its envelope

engulfs the BH, commencing the common envelope phase. The envelope slows down the BH causing

it to inspiral, decreasing the separation of the orbit. The envelope is heated due to the BH piercing

through it. This injection of thermal energy causes the envelope to be ejected. What is left is a tight

binary composed of a compact He star and BH. The He star collapses to a BH, forming a tight BBH

which can merge within a Hubble time through GW radiation [22, 23, 24, 25, 26, 27, 28, 29, 30, 31, 32].
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Chemically Homogeneous Evolution

Similar to CEE, CHE begins with stars formed in a binary. The difference with CEE is that

these binaries have extremely small separations such that the stars are touching. In addition to the

decreased separation, the stars within these contact-binaries are rapidly rotating. The source of their

rotation is either from mass accreted onto the stars or tidal torque spin up [33, 34, 35, 36, 37, 38, 39].

The rotation allows for the hydrogen that would typically be left in the outer shells of the envelope

to mix throughout and burn in the core. Hydrogen mixing and burning continues until the envelope

is chemically homogeneously composed of He. The burning of elements continues until both stars

collapse to BHs which can merge through GW radiation. CHE is a pathway to form and merge

BBHs that does not rely on the highly uncertain physical processes that plague the CEE channel

[40, 36, 41, 42, 43, 32].

1.3.2 Dynamic Formation Channel

The DFC is where two/three/four body interactions in dense stellar systems, such as glob-

ular clusters (GCs), lead to BBH formation. Multiple single star-single star, single star-binary and

other higher order interactions and exchanges ultimately conspire to create BBHs from existing sin-

gle BHs. Further dynamical processes kick out the newly formed BBHs from the GC which allows

them to merge through GW radiation without further dynamical perturbations [44, 45, 46, 47, 48,

49, 4, 50].

1.3.3 Characteristic χeff

Astrophysicists theorize that formation channels have a unique spin (χeff) signature which

can be used to distinguish them at the time of merger. The spin measurements of BBHs that come

from the FFC are expected to be aligned with the orbital angular momentum vector [40], resulting

in a χeff ≥ 0. The spins of BBHs from the DFC are expected to be randomly misaligned due to the

isotropic nature of the multi-body interactions [4]. Therefore, the χeff distribution from the DFC
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are evenly scattered about zero, −1 ≤ χeff ≤ 1. It is assumed that once BBHs form through a

specific channel, χeff is a fixed quantity until detection. This thesis proposes that χeff is actually

a dynamic quantity during the life BBHs in dense stellar systems through TDEs which can change

the magnitude and direction of individual birth spins.

1.4 Outline of Work

Section 2 presents the dynamics of single and binary BH TDEs and how LIGO BHs deviate

from the typical treat of supermassive BH TDEs. Section 3 discusses the hydrodynamic formalism of

our simulations, along with the how we set up our initial conditions for each simulation. Additionally,

this section details the results of each simulation, the final spin magnitudes, and χeff . Section 4

discusses the implications of our results and summarizes our work.
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Chapter 2 Tidal Disruption Events by

LIGO BHs1

2.1 Tidal Disruption Events

Figure 2.1: This figure shows the effect of the tidal field on a body due to a satellite object. The force
of gravity on the body closest to the satellite is stronger than the force of gravity on the opposite
side of the body causing tidal distortions on the body.

A body, specifically a star, which feels the force of gravity from a massive object, specifically

a BH, is subject to distortions due to the tidal field of the BH as shown in Fig. 2.1 [51]. The tidal

1The majority of this chapter comes from Lopez Jr. et al (to be submitted to ApJL 2018)
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force, Fτ , is the gradient on the gravitational force across the star defined as

Fτ =
GMbhM?

r3
R? (2.1)

Where G is the gravitational constant, Mbh is the mass of the BH, M? and R? are the mass

and radius of the star, respectively. In order to get the tidal radius, Rτ , at which the tidal force

is equal to the force of gravity holding the star together, we set the forces equal and solve for the

distance as

Fg = Fτ

GM2
?

R2
?

=
GMbhM?

R3
τ

R?

R3
τ =

Mbh

M?
R3
?

Rτ =

(
Mbh

M?

)1/3

R? (2.2)

Supermassive BHs (SMBHs) (Mbh & 106M�, where M� is the mass of the sun) at the

center of galaxies where stars in the galactic nuclei are dominated by the potential of the SMBH in

addition to the potential of all the surrounding stars lead to frequent parabolic orbits around the

SMBH with pericenter distances equal to the tidal radius [52, 53, 54]. For globular clusters where

stellar mass BHs are the dominant type, mass segregation in which the heaviest members (ie. BHs)

of the cluster sink to the center [55] increase the number density by orders of magnitude making the

tidal disruption events rate higher than those in galactic nuclei [56].

2.1.1 Single BH Dynamics

Canonical TDEs occur when a star with mass M∗ and radius R∗ gets disrupted when

approaching a SMBH with mass Mbh at a pericenter distance Rp = Rτ = q−1/3R∗, where q =

M∗/Mbh. After the disruption, about half of the star becomes unbound and ejected, while the

other half becomes bound to the SMBH on elliptical orbits. 3D hydrodynamical simulations have
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quantified the rate at which material falls back onto the SMBH. A good fit to observed light curves

of TDEs is obtained if one assumes that the accretion luminosity directly follows the fallback rate in

the simulation [57]. However, it is not clear why this should be the case. Bound debris returns to the

SMBH with a large range of eccentricities and orbital periods [58] and it may take many Keplerian

orbits for fallback material to circularize and accrete [59]. Some mechanism is therefore required to

quickly dissipate the kinetic energy of the fallback material and circularize it into an accretion disk.

In standard TDE discourse, the disrupting SMBHs have masses Mbh & 106M� yielding

q � 1, which allows the semi-major axis of the most bound material to be approximated as:

amb =

(
Mbh

M?

)1/3

Rτ

= q−1/3 Rτ . (2.3)

However for LBBHs, the mass ratios are near unity, making the extent of the star com-

parable to the tidal radius. In order to properly derive the semi-major axis of material a radius r

from the center of the star we need to first get the energy of that material, E(r). The star is on

a parabolic orbit such that the center of mass (CM) energy at pericenter is zero. For the reference

frame where the BH is at the origin, the CM energy is defined as

E(Rτ ) = UCM + TCM

= −GMbh

Rτ
+ TCM

= −GMbh

R?
q1/3 + TCM (2.4)

where TCM is the kinetic energy of the CM. While the energy of material a distance r from the
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center, E(Rτ − r), in the same reference frame is

E(Rτ − r) = U(Rτ − r) + T (Rτ − r)

= −GMbh

Rτ − r
+ T (Rτ − r)

= − GMbh

Rτ

(
1 − r

Rτ

) + T (Rτ − r)

= −GMbh

Rτ

(
1 +

∞∑
n=1

(
r

Rτ

)n)
+ T (Rτ − r)

= −GMbh

R?
q1/3

(
1 +

∞∑
n=1

(
r

R?

)n
qn/3

)
+ T (Rτ − r) (2.5)

where T (Rτ − r) is the kinetic energy of stellar material at radius r. There are two key steps to

deriving E(r): First, we assume that the CM is moving at the same velocity as the material at Rτ−r

such that the kinetic energy at these two points in the star are equal to some value T . Second, the

fact that the CM energy is zero allows us to subtract E(Rτ ) from E(Rτ − r) to get E(r).

E(r) = E(Rτ − r) − E(Rτ )

= −GMbh

R?
q1/3

(
1 +

∞∑
n=1

(
r

R?

)n
qn/3

)
+ T −

[
−GMbh

R?
q1/3 + T

]

= −GMbh

[ ∞∑
n=1

(
q1/3

R?

)n+1

rn

]
, (2.6)

where r is the distance from the star’s CM.

For material that is bound to the BH, this expression translates into a range of semi-major

axes given by:

a(r) = −GMbh

2E(r)

=

[
2

∞∑
n=1

(
q1/3

R?

)n+1

rn

]−1

, (2.7)

which for canonical TDEs (q � 1) can be safely approximated to first order. As q approaches

unity this approximation is no longer valid and the semi-major axis of the most bound material

approaches the tidal radius and becomes equal to it at a critical mass ratio qcrit = 0.037. The

assumption that the circularization radius of the most bound material is about twice the tidal
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radius Rτ [60, 61, 62, 63, 64, 65] also breaks down in the LBBH regime. The circularization radius

of the most bound material Rc,mb is obtained by equating its angular momentum, Lmb, to the

angular momentum of a circular orbit, Lc, and solving for the required radius to conserve angular

momentum

Lmb = Lc

M?vperi (Rτ − R?) = M?Rcvc

vperi (Rτ − R?) = Rcvc

Rc = (Rτ − R?)

(
vperi

vc

)
(2.8)

where vperi is the velocity at pericenter for a parabolic orbit, which we assumed to be equal to the

velocity of the most bound material , defined as

vmb =

(
2GMbh

Rτ

)1/2

(2.9)

and vc is the Keplarian velocity defined as

vc =

(
GMbh

Rc

)1/2

(2.10)

Plugging these values into Eq. 2.8 we get

Rc = (Rτ − R?)

(
vperi

vc

)
= (Rτ − R?)

(
2GMbh

Rτ

)1/2(
GMbh

Rc

)−1/2

= (Rτ − R∗)

(
2Rc

Rτ

)1/2

=

(
2

Rτ

)
(Rτ − R?)

2

=

(
2

Rτ

)
R2
τ

(
1 − R?

Rτ

)2

= 2Rτ

(
1 − R?

q−1/3R?

)2

= 2Rτ

[
1 − q1/3

]2
(2.11)
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The circularization radius of the pericenter Rc,p can be similarly derived to get Rc,p = 2Rτ while

the spread in circularization radii can be written as

∆Rc

Rc,p
= q1/3

[
2 − q1/3

]
, (2.12)

In order for this material to circularize and form a disk, energy must be dissipated efficiently after

disruption. Material falling to pericenter can be heated by hydrodynamical shocks with a fractional

energy dissipation per orbit, νH [65], which can be written as

νH = βq2/3 (2.13)

where β = Rp/Rτ . For disruptions in the LBBH regime, the energy dissipation via shocks can

be sizable and lead to efficient circularization. This is contrast to the standard case with q � 1,

for which hydrodynamical shocks at pericenter are likely to be insufficient and rapid circularization

might only be achieved via general relativistic effects [66, 59, 67, 68].

2.1.2 Binary BH Dynamics

For BBH TDEs, the star does not necessarily follow a parabolic orbit and the orbital

deviations before disruption depend strongly on the separation d and eccentricity e of the binary.

The CM energy distributions of a sun-like star disrupted by a 15M� equal mass BBH with e = 0.5

are shown in Fig. 2.2 for three distinct binary separations using the N -body code developed by

[69]. The properties of the binary have been selected to reflect those derived by [70] for dynamically

assembled LBBHs. In this case Rτ = 2.47R? = 0.011AU. For Rτ/d � 1 the CM energy is essentially

parabolic while a larger fraction of unbound CM orbits are observed for tighter binaries. This is

because as the star approaches the BBH, its trajectory is influenced by the combined potential of

the binary and, as a result, when the star reaches Rτ is moving faster than it would have if its orbit

was parabolic.

After disruption, the fate of the debris also depends sensitively on the ratio Rτ/d. If

Rτ/d > 1, the disruption will take place outside of the binary and the infalling material will form a
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Figure 2.2: The CM energy distributions and specific trajectories are shown for a sun-like star
(M? = 1M�, R? = R�) interacting with a 15M� equal mass BH binary with e = 0.5. Here we study
the outcomes of TDE interactions and their associated CM energy distributions by performing large
set of numerical scattering experiments. The panels shows the energy distribution for different
binary separations (d = 1.0AU = 87.3Rτ , d = 0.316AU = 27.6Rτ , d = 0.1AU = 8.73Rτ ) and the
trajectories of bound (II) and unbound (I) stellar orbits (orange trajectories) . Here ε is the CM
energy of the star at Rτ in units of the binding energy of the star.

circumbinary disk around the system. In what follows, we refer to this scenario as the circumbinary

scenario (CS). When Rτ/d . 1, the star will be disrupted by one of the binary members but the

accretion history of the debris onto the system is determined by d. This is due to the disrupted

debris orbiting around the disrupting BH with a wide range of semi-major axes such that there is

always some material that is able to reach the sphere of influence of the companion BH. In order

to determine whether or not the non-disrupting BH can accrete significant amounts of stellar debris

we make use of two important characteristic scales. One is the semi-major axis a90 of the disrupted

material whose orbit contains 90% of the stellar debris and the other one is the Roche lobe radius

RL, which determines the gravitational sphere of influence of the disrupting BH. RL can be written

[71] as

RL

d
=

0.49qb
2/3

0.6q
2/3
b + ln

(
1 + q

1/3
b

) , (2.14)

where qb is the mass ratio of the BBH. When a90/RL < 1, a small fraction of the debris is able to

interact with the non-disrupting BH but most of the stellar debris will be accreted by the disrupting

BH. In this case, the tidal interaction will resemble that caused by a single BH and we refer to this as

the single scenario (SS). On the other hand, disrupted material with a90/RL & 1 will be influenced

by the companion and a sizable fraction of debris can be accreted by the non-disrupting BH. A case
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we refer to as the overflow scenario (OS).

In order to calculate the spin change due to accretion of disrupted material we use [72]

S(Mbh,f) =

(
2

3

)1/2
Mbh

Mbh,f

4 −

[
18

(
Mbh

Mbh,f

)2

− 2

]1/2
 , (2.15)

which assumes an initially low or non-spinning BH. Here Mbh,f = Mbh + fM∗ is the final mass of

the BH after accreting a fraction f of the disrupted star. For a TDE of a star in a parabolic orbit

(f = 0.5), the maximum mass that the BH can accrete is 0.5M? such that the maximum spin up,

Smax is given by

Smax(q) =

(
8

3

)1/2(
1

2 + q

)4 −

[
72

(
1

2 + q

)2

− 2

]1/2
 (2.16)

The values of Smax for a few characteristic q’s are Smax

(
q = 1 × 10−6

)
= 1.84×10−6, Smax (q = 0.01) =

0.02, and Smax (q = 0.5) = 0.60. This clearly illustrates that for LBBHs, the digestion of stars during

the lifetime of the binary could lead to noticeable spin changes.
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Chapter 3 Hydrodynamics1

3.1 Set-Up

Our hydrodynamical simulations of BBH TDEs use a modified version of the SPH code

Stellar GADGET-3 [73, 74]. GADGET-3 allows us to follow accretion into sink particles and employs

a polytropic equation of state, P = ρΓ, with a structural gamma Γ = [4/3, 5/3] for solar-like stars

and giants respectively and an adiabatic gamma γ = Cp/Cv = 5/3, where Cp and Cv are the heat

capacity at constant pressure and volume respectively. γ determines how how the star responds to

perturbations instantaneously while Γ determines the global structure of the star. By solving the

Lane-Emden equation, and using the same method as in [75], we created 3D spherically symmetric

distributions of SPH particles mapping polytropic stars in hydrodynamical equilibrium. We ran test

cases of the tidal disruption of a 1 M� star by a 15 M� equal mass BBH with resolutions between

105 and 106 particles, which showed convergence for the accretion rates in the SS, OS, and MOS

simulations while the amount of bound mass converged for the CS simulation.

3.2 Initial Conditions

All initial conditions (ICs) assume typical parameters for BBHs and stars in globular clus-

ters (GCs) with e = 0.5, BBH parameters were taken from [70]. We further assumed that the

individual spins of the BHs (S1 and S2) to be initially zero, which is consistent with the small spins

1The majority of this chapter comes from Lopez Jr. et al (to be submitted to ApJL 2018)
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observed in LIGO events. By means of a 3 body code, we obtained the dynamical properties of the

BBH and star prior to a tidal disruption, tracing the trajectories of all three bodies back to the time

when the star lies six tidal radii away from the disrupting BH. These dynamical properties were

included in the GADGET-3 initial conditions file.

3.3 Simulation Results

In Section 2.1.2 we defined three unique scenarios for BBH TDEs, the SS, CS, and OS.

The SS simulation, where d � Rτ , results in an approximately single BH TDE in which only one

BH accretes and the non-disrupting BH is undisturbed, results for the SS are discussed in detail

in Section 3.3.1. The CS simulation where d � Rτ creates a system of a BBH embedded in a

circumbinary disk discussed further in Section 3.3.2. The final unique scenario is the OS simulation

where d . Rτ produces multiple TDEs where both BHs are able to accrete and is outlined further in

Section 3.3.3. We have simulated one more scenario which is not unique but can provide a significant

increase in spin magnitude called the 3.3.4, the differences between the OS and MOS and its results

are discussed in Section 3.3.4. The parameters of each scenario are listed in Fig. 3.1 and Fig. 3.2.

3.3.1 The Single Scenario

The Single Scenario (SS) simulation is characterized by the ratios Rτ/d = 0.01 and

a90/RL = 0.27, which determine the negligible interaction of disrupted material with the second

BH and the resemblance to a TDE with a single BH. The SS simulation is consistent with the

scenario shown in Fig. 2.2 for an unbound stellar orbit. The top row panel of Fig. 3.1 shows the

column density of the SS at three different times. After a fall back time scale, bound material forms

an accretion disk which follows an Ṁ curve similar to those of canonical TDEs simulated by [76].

However, given the mass ratio q . 1, the fallback time scale (given by the circularization radius) of

the most bound material will differ from those shown in [76].

By the end of the simulation, the disrupting BH accreted a total mass of 0.1 M� and has
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Figure 3.1: The characteristics of each unique BBH TDE scenario. t∗ and Rτ are the dynamical time
step and individual BH tidal radius for each panel respectively. All panels are in the orbital plane
of the BBH. Top panel (Single Scenario [SS]): The left image is zoomed in to show the initial
disruption onto one of the BHs. The middle image zooms out to show the subsequent accretion onto
the disrupting BH. The right image zooms out more to show the entire BBH and the isolation of
the non-disrupting BH. Middle panel (Circumbinary Scenario [CS]) The left image shows the
initial disruption occurring outside the BBH. The middle image shows the shock and stream which
forms from the initial TDE. The right image shows the circularization of the disk. Bottom panel
(Overflow Scenario [OS]): The left image is the initial disruption of the star. The middle image
is the following disruption of the remaining stellar core. The right image is the third of the total four
disruptions that occur in this scenario. The parameters of each scenario, listed as [SS,CS,OS], are:
Nparticles ≈ [105, 106, 105], M? = [1, 1, 1]M�, R? = [1, 43, 1]R�, Γ = [4/3, 5/3, 4/3], MBH1

= MBH2
=

[15, 15, 15]M�, d = [429.88, 42.99, 42.99]R�, v∞ = [30, 10, 20]km/s, i = [π/3, π/4, π/3]
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an accretion disk whose angular momentum Jdisk is at an angle 1.8 rad with respect to the orbital

angular momentum of the binary Jbin. Assuming that the ∼ 0.13 M� of the accretion disk are

accreted by the BH, its spin magnitude could increase to S1 ≈ 0.05, with an orientation angle of

1.8 rad with respect to Jbin, resulting in an anti-aligned effective spin of χeff ≈ −0.005.

3.3.2 The Circumbinary Scenario

The Circumbinary Scenario (CS) simulation is shown in the middle row of Fig. 3.1. With

a ratio of Rτ/d = 2.47, the tidal radii of each BH overlap and encompass the BBH, resulting in

a disruption where bound material forms an accretion disk around the binary. The disk rapidly

circularizes and is slowly accreted onto both BHs through viscous dissipation. By the end of the

simulation, the mass accreted onto each BH is 0.01 M� and the accretion disk has 0.59M� whose

Jdisk is oriented at (11/90)π with Jorb, which we assume to be evenly accreted by both BHs. In

the most optimistic scenario, this will result in a maximum ≈ 0.3M� accreted by each of the BHs

through an accretion disk, leading to spin magnitudes of S1 = S2 ≈ 0.071, and χeff ≈ 0.06.

3.3.3 The Overflow Scenario

The Overflow Scenario (OS) is shown in the bottom row of Fig. 3.1. The ratios Rτ/d =

0.06 and a90/RL = 2.74 imply a disruption by a single BH, and that a significant amount of

bound disrupted material will reach the non-disrupting BH respectively. The OS scenario allows

for accretion onto both BHs and the possibility of obtaining aligned or anti-aligned BH spins. The

initial disruption of the star occurs at β ≈ 1.62, leaving the core intact [76] and leading to multiple

resonant TDEs.

By the end of the simulation, the mass accreted by the disrupting and non-disrupting BHs

is 0.19 M� and 0.02 M� respectively. However, there’s still ∼ 0.06 M� of bound to the system,

which can lead to a maximum spin up of S1 ≈ 0.051 at an angle 0.241 rad from Jbin and S2 ≈ 0.013

at an angle 1.58 rad from Jbin for the disrupting and non-disrupting BHs respectively. This will lead
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to a final effective parameter χeff ≈ 0.005.

3.3.4 The Massive Overflow Scenario

The tiny change in spin magnitudes obtained from the previous scenarios is expected for

solar mass stars since Smax (q = 0.067) = 0.11. Therefore, in order to obtain a more substantial

change in spin we increased q to 0.5, in what we call the Massive Overflow Scenario (MOS). The

characteristic ratios for the MOS are Rτ/d = 0.35 and a90/RL = 4.65 which predict that there

should be significant accretion onto both BHs. The similarities between the OS and MOS can be

seen in Fig. 3.2.
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t* = 53.7
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Figure 3.2: Similarities between OS and MOS. t∗ and Rτ are the dynamical time step and individual
BH tidal radius for each panel respectively. Left Panel (Overflow Scenario [OS]): The top row
of the left panel are the same as those in the bottom panel of Fig. 3.1, an orbital plane view of the
OS. The bottom row shows the corresponding side view of the same snapshots. The side view shows
that the angle of the disk remains constant through multiple disruptions. Right Panel (Massive
Overflow Scenario [MOS]): The top row shows the orbital view of the total two TDEs that come
from the MOS. The bottom row shows the side view of the MOS and you can see a significant
torque on the binary due to the high mass ratio between the star and the BBH. The parameters
for the MOS are: Nparticles ≈ 105, M? = 5 M�, R? = 6 R�, Γ = 4/3, MBH1

= MBH2
= 10 M�,

d = 21.49 R�, v∞ = 30 km/s, i = π/3

Both OS and MOS simulations lead to multiple disruptions and result in accretion onto

both BHs as expected. However, the Ṁ curves shown in Fig. 3.3 are significantly different. In the
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OS panel accretion onto the disrupting BH looks pretty much like in canonical TDEs, showing a

peak and a power law decay. Meanwhile, accretion onto the non-disrupting BH takes a long time to

begin and is negligible. Despite the multiple disruptions observed in the bottom panels from Figure

3.1, most of the mass accreted by the BHs comes from the first disruption, and thus most of their

spin. In the MOS panel, accretion onto both BHs occurs almost at the same time and both BHs

have a very similar Ṁ throughout the entire simulation. In this scenario the first disruption did not

lead to the maximum amount of accreted material. It is until the second disruption, when most of

the material gets captured in an accretion disk around one of the BHs (labeled as BH2 in Fig. 3.3).

This accretion disk is shown in the right bottom panel of Figure 3.3, and as can be seen, the non

disrupting BH is really close to this accretion disk, making it easy for it to accrete a substantial

amount of material, specially since the binary orbit is highly eccentric and it will eventually plunge

into the accretion disk.

The mass accreted by the BHs by the end of the simulation is 0.91 M� and 0.40 M�

respectively. Once again we will assume that the ∼ 1.06 M� bound to the system will be accreted

through an accretion disk, leading to a maximum spin S1 ≈ 0.287 at angle 0.14 rad with Jbin for the

first BH, and S2 ≈ 0.407 at angle 2.2 rad with Jbin for the second one, leading to a final effective

parameter χeff ≈ 0.016.
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Figure 3.3: Mass accretion, Ṁ , curves of the OS and MOS. The fallback radius, Rf in the plots, is
the radius at which Ṁ is calculated. t is the time of the snapshot measured from initial accretion.
Left Panel (Overflow Scenario [OS]): The plot shows the rate of mass accretion onto both BHs.
The initial disruption is where the majority of stellar material is accreted. [Add part about when the
secondary actually starts accreting.] While the secondary BH is accreting, the amount is negligible
to the primary amount. The bottom figures show snapshots of the simulation corresponding to the
vertical lines in the plot. Right Panel (Massive Overflow Scenario [MOS]):The plot shows the
rate of mass accretion onto both BHs. This curve is in contrast to the OS because both BHs accrete
significantly due to the larger amount of stellar material available. After the second disruption
their curves are almost identical. This is ideal for altering the spin because we want both BHs to
accrete a notable percentage of their own mass. The bottom figures show snapshots of the simulation
corresponding to the vertical lines in the plot.
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Chapter 4 Discussion and Summary

4.1 Spin Alignment

When accretion of material onto both BHs by a BBH TDE occurs, the spin up direction of

each BH can result in relative alignment or anti-alignment. The non-disrupting BH always spins up

aligned with the orbital angular momentum due to the density gradient it encounters upon accretion.

Therefore, the disrupting BH will determine the relative spin alignment. The two key factors that

dictate whether the disrupting BH gains spin in or opposite the direction of the orbital angular

momentum are the relative motion of the disrupting BH to the star upon disruption and whether

the star is disrupted outside or inside the BBH.

There are two scenarios that result in spin alignment: 1) The star is disrupted outside

the BBH in the direction of the orbital velocity and 2) the star is disrupted inside the BBH in the

direction against the orbital velocity. The two scenarios that result in anti-alignment are: 1) The

star is disrupted outside the BBH in the direction against the orbital velocity and 2) the star is

disrupted inside the BBH in the direction of the orbital velocity.

In order to calculate the probability of alignment, one of our collaborators Irvin Fabian

Martinez-Rodriguez ran 35,000 N-body simulations of BBH TDEs and captured the relative angle

of stellar velocity and orbital velocity along with whether the TDE occurred inside or outside of

the BBH. The probability of anti-alignment is ≈ 53%. Along with following the mass accretion, we

also tracked the angular momentum deposition onto each BH due to mass accretion. We found that
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the OS and MOS simulations resulted in anti-aligned spins whereas the CS simulations results in

aligned spins.

4.2 Summary

The detection of GW150914 and subsequent BBH merger detections have opened up many

questions about BBH formation history. Individual BH spins and χeff are often used to characterize

the formation channel of BBHs. In this thesis we have explored the possibility and consequences of

BBHs in dense stellar systems experiencing TDEs during their lifetime. We have shown that the

accretion which follows from a TDE can spin up each BH and align or anti-align the relative spins.

Additionally, LBBHs probe a new interesting regime of TDEs that significantly deviates from the

canonical SMBH treatment. The typical approximations break down when trying to understand

the nature of the dynamics of LBBH TDEs with respect to dissipative and orbital time scales. The

chaotic behavior of these interactions require a hydrodynamical treatment to properly model LBBH

TDEs. Our work has shown that the notion of dynamic spin alignments must be considered when

inferring the formation channel history of LIGO sources, contrasting with the usual assumption that

spins of BHs are static from formation to merger.
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